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ABSTRACT
We use adaptive-mesh magnetohydrodynamic simulations to study the effect of magnetic fields on
ram pressure stripping of galaxies in the intracluster medium (ICM). Although the magnetic pressure
in typical clusters is not strong enough to affect the gas mass loss rate from galaxies, magnetic fields
can affect the morphology of stripped galaxies. ICM magnetic fields are draped around orbiting
galaxies and aligned with their stripped tails. Magnetic fields suppress shear instabilities at the
galaxy-ICM interface, and magnetized tails are smoother and narrower than tails in comparable
hydrodynamic simulations in Vijayaraghavan & Ricker (2015). Orbiting galaxies stretch and amplify
ICM magnetic fields, amplifying magnetic power spectra on 10 − 100 kpc scales. Galaxies inject
turbulent kinetic energy into the ICM via their turbulent wakes and g-waves. The magnetic energy
and kinetic energy in the ICM increase up to 1.5 − 2 Gyr of evolution, after which galaxies are
stripped of most of their gas, and do not have sufficiently large gaseous cross sections to further
amplify magnetic fields and inject turbulent kinetic energy. The increase in turbulent pressure due to
galaxy stripping and generation of g-waves results in an increase in the turbulent volume fraction of the
ICM. This turbulent kinetic energy is not a significant contributor to the overall ICM energy budget,
but greatly impacts the evolution of the ICM magnetic field. Additionally, the effect of galaxies on
magnetic fields can potentially be observed in high resolution Faraday rotation measure (RM) maps
as small scale fluctuations in the RM structure.
Keywords: Galaxies: clusters: general – galaxies: groups: general – methods: numerical
1. INTRODUCTION
Observations suggest that µG magnetic fields in the
intracluster medium (ICM) are ubiquitous, although di-
rect measurements of the magnetic field strength and
morphology in clusters are not straightforward (see Car-
illi & Taylor 2002, Govoni & Feretti 2004, Kronberg
2005, Ryu et al. 2012 for reviews). The earliest esti-
mates of galaxy cluster magnetic fields were based on
energy equipartition and minimum energy configuration
arguments applied to cluster radio halos (e.g. Willson
1970, Miley 1980, Giovannini et al. 1993, Feretti et al.
1999). More recent observations have used Faraday ro-
tation measure (RM) to estimate the strength of the
ICM magnetic field. RM is proportional to the mag-
netic field strength along the line of sight and the elec-
rukmani@virginia.edu
tron density; for known electron density (e.g. from X-ray
observations), the line of sight magnetic field strength
can be estimated. Dreher et al. (1987) performed the
first RM observations of ICM gas surrounding Cygnus
A. Further measurements of the RM in clusters agree on
∼ µG strengths for cluster magnetic fields (e.g. Vallee
et al. 1986, 1987, Ge & Owen 1993, Taylor et al. 1994,
2001, Clarke et al. 2001, Rudnick & Blundell 2003, Mur-
gia et al. 2004, Bonafede et al. 2010, Govoni et al. 2010,
Bonafede et al. 2011, Vacca et al. 2012, Bonafede et al.
2013), and indicate the cluster magnetic fields are tan-
gled on ∼ kpc scales. From the distribution of RM in
a cluster, one can infer the morphology and coherence
scales of cluster magnetic fields. Vogt & Enßlin (2003,
2005) used a correlation analysis and Bayesian likeli-
hood analysis to determine the magnetic field strengths
of three clusters to be ∼ 3− 13µG, magnetic field auto-
correlation lengths to be 0.9− 4.9 kpc, and power spec-
tral indices α to range from 1.6−2.0, consistent with be-
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2ing Kolmogorov-like power spectra with α = 5/3. Com-
plementary to RM observations, lower limits on ICM
magnetic field strengths can be constrained using ob-
servations of cluster radio relics and inferred upper lim-
its on inverse Compton emission (e.g. ∼ 3µG magnetic
fields in A3667; Finoguenov et al. 2010; Sarazin et al.
2013). These measurements, however, cannot constrain
magnetic field correlation lengths.
Magnetic fields in the ICM directly affect the evo-
lution of galaxies and their interstellar medium (ISM)
gas. Thermal conduction across the ISM-ICM bound-
ary in typical hot (kT ∼ 0.5 − 1 keV) galactic coro-
nae should be saturated, since the mean free path of
the ICM electrons (λe ' 10 kpc) is comparable to the
sizes of galactic coronae (Sarazin 1986). Under these
conditions, saturated evaporation timescales should be
∼ 107 years (Vikhlinin et al. 2001), more than two or-
ders of magnitude shorter than ram pressure stripping
timescales for galactic coronae in groups and clusters, as
quantified in Vijayaraghavan & Ricker (2015). However,
observations of long-lived coronae in groups and clus-
ters argue against efficient thermal conduction; a com-
bination of radiative cooling and suppression of thermal
conduction by draped magnetic fields is likely effective
in these environments (Lyutikov 2006). The draping of
ICM magnetic fields over the leading surfaces of moving
subclusters has been shown to suppress the formation of
hydrodynamic instabilities (Dursi 2007, Dursi & Pfrom-
mer 2008), thereby suppressing mixing with the ICM.
Magnetic field draping effects have only been recently
investigated with numerical simulations in the context
of galaxy-scale coronae (Shin & Ruszkowski 2014), and
can potentially play an important role in their survival
and longevity.
Numerical simulations have been used to study the
impact of ICM magnetic fields on the cold disk gas of
cluster galaxies. Ruszkowski et al. (2014) simulated disk
galaxies exposed to a uniformly magnetized ICM wind,
and showed that ambient magnetic fields result in 100
kpc long filamentary structures in the stripped tails of
galaxies, forming bifurcated structures similar to those
in observed ram pressure stripped galaxies. They also
found that magnetic pressure can support these tails,
and that magnetic field vectors are aligned with the
tails. They found that the ICM magnetic field did not
significantly affect the removal of gas due to ram pres-
sure stripping. Shin & Ruszkowski (2014) simulated the
effects of magnetic fields aligned parallel and perpen-
dicular to the direction of an elliptical galaxy’s motion
in a uniform ICM, and showed that the morphology of
the stripped tail was strongly dependent on the rela-
tive alignment of the initial magnetic field – strongly
collimated for aligned magnetic fields, and sheet-like for
magnetic fields perpendicular to the direction of motion.
They also showed that magnetic fields were amplified in
the stripped tail in both cases. Tonnesen & Stone (2014)
investigated the effect of magnetic fields in the disks of
galaxies themselves. They showed that while galactic
magnetic fields do not significantly affect the amount of
gas removed by stripping, they produce unmixed struc-
tures in the tail and result in an overall increase in the
magnetic energy density in the stripped tail.
Galaxies themselves affect the overall evolution of
magnetic fields in the ICM. Galaxy motions and stripped
galaxy wakes can amplify existing cluster magnetic fields
and generate turbulence in the ICM. Jaffe (1980) and
Roland (1981) explored the possibility that turbulent
galactic wakes are the source of ICM magnetic fields
using a dimensional analysis and an analytic model, re-
spectively. Ruzmaikin et al. (1989) showed that tur-
bulent motions in galaxy wakes can generate chaotic
magnetic fields, but De Young (1992) argued using sta-
tistical modeling of the magnetic energy spectrum that
the turbulence should dissipate before the field can be
significantly amplified. Using analytic arguments and
simulations, Subramanian et al. (2006) showed that ma-
jor mergers can amplify the existing field via a turbulent
dynamo, but that galaxy wakes likely occupy too small
a volume filling fraction to be the main source of mag-
netic field. Nevertheless they argued that the wake fill-
ing fraction in projected area should be large, producing
random RM values consistent with observations. Using
hydrodynamic simulations, Kim (2007) found that orbit-
ing galaxies can generate turbulence over larger volumes
by resonantly exciting gravity waves. Ruszkowski &
Oh (2010) showed using magnetohydrodynamic (MHD)
simulations that galaxy-scale turbulence can randomize
tangential magnetic fields, supporting anisotropic ther-
mal conduction between the central cool core and outer
regions of a cluster. Ruszkowski & Oh (2011) extended
these simulations to include particles representing mas-
sive galaxies, and showed that in addition to turbulent
wakes, galaxies also excite larger scale g-mode turbu-
lence, in agreement with Kim (2007). Conroy & Os-
triker (2008) found that dynamical friction from orbit-
ing satellites can contribute to ICM heating. In addition
to generating turbulence and amplifying existing ICM
magnetic fields, magnetized galaxy winds and stripped
gas can be injected into and partly seed ICM magnetic
fields (Donnert et al. 2009, Arieli et al. 2011).
Galaxies are by no means the only, or even the most
energetic, sources for magnetic field amplification and
turbulence generation in the ICM. Cosmological simula-
tions (e.g. Dolag et al. 1999, Dolag et al. 2002, Dubois
& Teyssier 2008, Donnert et al. 2009, Vazza et al. 2014,
Egan et al. 2016) show that initial seed cluster magnetic
3fields can be amplified by cosmological structure forma-
tion and the growth of structure. These simulations do
not isolate the effect of galaxies alone. Roettiger et al.
(1999) show that during cluster mergers, magnetic fields
are initially stretched and compressed by merger shocks
and bulk flows, after which turbulent flows amplify mag-
netic fields on scales comparable to the sizes of cluster
cores. Takizawa (2008), using idealized cluster merg-
ers, show that the magnetic field perpendicular to the
merger axis is amplified in addition to the generation of
an ordered and amplified magnetic field in the merging
subcluster’s wake. Iapichino & Bru¨ggen (2012) showed
that in addition to turbulence produced by shocks in
cluster mergers, turbulent pressure support upstream of
merger shocks can amplify magnetic fields to µG levels.
Beresnyak & Miniati (2016) argue that cluster magnetic
fields trace clusters’ past turbulent activity. Xu et al.
(2009, 2010, 2011) showed that magnetic fields injected
by AGN can be amplified by turbulence generated dur-
ing cluster formation, and that magnetic field amplifica-
tion is strongly dependent on the mass and merger his-
tory of clusters. Subsequently, Xu et al. (2012) showed
that the resulting RM measurements and radio halos of
these magnetic fields agree with observations. However,
Sutter et al. (2012) showed that the strength of mag-
netized outflows from AGN in simulations can vary sig-
nificantly depending on the mode of injection, accretion
strength, and numerical resolution.
In addition to quantifying the effect of turbulence
on magnetic field amplification, various studies have
quantified the overall turbulent kinetic energy and non-
thermal pressure in clusters. Numerical simulations
have shown that cluster mergers can generate signifi-
cant turbulence (e.g. Roettiger et al. 1993, Roettiger
et al. 1997, Ricker & Sarazin 2001, Nagai & Kravtsov
2003, Takizawa 2005, Paul et al. 2011, Donnert et al.
2013). Cosmological simulations of cluster formation
and growth also show the overall growth of turbulence
from infalling substructure (e.g. Dolag et al. 2005a,
Maier et al. 2009, Iapichino & Niemeyer 2008, Vazza
et al. 2009, Vazza et al. 2011, Miniati 2014, Miniati
2015). Nonthermal pressure due to bulk and turbulent
motions in the ICM may significantly bias estimates of
cluster masses (e.g. Nagai et al. 2007, Nelson et al. 2014;
though see Hitomi Collaboration 2016). In principle,
turbulence and bulk flows in the ICM can be indirectly
detected via the broadening of spectral lines. However
until recently existing X-ray telescopes have not had suf-
ficient spectral resolution to resolve turbulent velocity
dispersions of 100−200 km s−1. Upcoming X-ray obser-
vatories, particularly ATHENA, can potentially detect
turbulent velocity dispersions at these levels.1
Previous hydrodynamic cluster galaxy simulation
work has generally focused on clusters in cosmological
volumes combined with subgrid prescriptions or semi-
analytic models (e.g. Vogelsberger et al. 2014), indi-
vidual galaxies in wind tunnels or isolated cluster po-
tentials (e.g. recent work by Tonnesen & Stone 2014,
Ruszkowski et al. 2014, Shin & Ruszkowski 2014, Roedi-
ger et al. 2015a,b), or galaxies as point mass perturbers
(e.g. Ruszkowski & Oh 2011). To isolate the collective
effects of galaxies on the ICM apart from infall and
major mergers, there is a need for numerical experi-
ments that fit between idealized studies of single galax-
ies and fully cosmological simulations. In Vijayaragha-
van & Ricker (2015) (hereafter Paper I), we simulated
the hydrodynamic evolution of a distribution of galactic
coronae in an isolated group and cluster. We showed
that ICM ram pressure on galaxies produces character-
istic leading surfaces where the thermal and ram pres-
sure of the ICM balance the internal thermal pressure of
the galaxies; weakly bound gas is stripped from galaxies
and deposited in tails that trace galaxies’ orbits. These
stripped tails form shear instabilities and dissipate as
they move through the ICM. Galaxies lose ∼ 90% of
their gas within a dynamical time due to stripping pro-
cesses alone, and in the absence of any form of shielding
or replenishment.
In this paper, we extend our work to consider MHD
simulations that quantify the impact of magnetic fields
on the stripping of galactic coronae, the amplification of
magnetic fields by orbiting galaxies and their stripped
tails and wakes, and the generation of ICM turbulence
by galaxies. The idealized clusters in our simulations
evolve in isolation and do not undergo any major merg-
ers or accrete material; all galaxies begin to orbit within
the group and cluster simultaneously. We describe sim-
ulations of an isolated 3.2× 1013 M group and an iso-
lated 1.2×1014 M cluster with magnetized intracluster
media and their galaxies with a cosmologically moti-
vated distribution of initial galaxy masses. Our simula-
tions are controlled experiments particularly designed to
quantify the interactions between galaxies and the ICM.
These simulations bridge the gap between cosmological
simulations and wind tunnel simulations. Cosmologi-
cal simulations realistically account for the buildup of
clusters, but the unique effects of galaxies alone can-
not be gleaned in the presence of mergers and accre-
tion. Wind tunnel simulations cannot characterize the
global properties of the ICM, and they do not capture
1 The loss of Hitomi (ASTRO-H ) will be keenly felt in this
field. In § 4 we include predictions for what Hitomi would have
been able to detect in case another similar mission is attempted.
4the interactions of galaxies with other galaxies and their
wakes. With our simulations, we can characterize the
co-evolution of the ICM and cluster galaxies in the ab-
sence of other cluster-scale processes. Since the ICM is
initially in hydrostatic equilibrium, the evolution of the
magnetic field and ICM gas is due to physical processes
induced solely by galaxies (in addition to numerical ef-
fects, which are quantified). Since the total initial mass
in galaxies is an upper limit to the mass fraction bound
to galaxies, the net impact on the ICM is an upper limit
to the impact galaxies can possibly have over many Gyr
in real clusters. The temporal evolution of the ICM in
our simulations, while not necessarily correlated with a
cosmological temporal evolution of the ICM, quantify
the dynamical time over which galaxies’ effects persist
within the ICM. Therefore, the major strength of our
simulations is in isolating the magnitude and timescale
of the unique impacts that orbiting galaxies have on the
ICM.
The paper is structured as follows. We summarize our
code and methods in § 2. In § 2.1, we describe our initial
conditions. We describe the simulation results in § 3,
observational diagnostics and implications in § 4, and
discuss our results in § 5. § 6 summarizes our conclu-
sions. Where needed we assume standard cosmological
parameter values H0 = 71 km s
−1 Mpc−1, Ωm = 0.3,
and ΩΛ = 0.7.
2. METHODS
The simulations in this paper were performed using
flash 4.2 (Fryxell et al. 2000, Dubey et al. 2008, 2011),
a parallelN -body plus adaptive mesh refinement (AMR)
Eulerian hydrodynamics code. The isolated group, clus-
ter, and their galaxies consist of ‘live’ dark matter halos
represented using particles, and gas halos and coronae
are initially in hydrostatic equilibrium with the group,
cluster, and galaxy potentials. We refer the reader to
Paper I for details on the initial properties of the col-
lisionless and hydrodynamic components of the group
and cluster halos and their galaxies. We use cloud-in-
cell (CIC) mapping to generate mesh density fields for
particles. AMR is implemented using paramesh (Mac-
Neice et al. 2000). We use a direct multigrid solver
(Ricker 2008) to calculate the gravitational potential on
the mesh.
We treat the ICM plasma using the equations of ideal
single-fluid MHD. In Gaussian units, these are
∂ρ
∂t
+∇ · (ρu) = 0 (1)
∂ρu
∂t
+∇ · (ρuu) +∇P =−ρ∇Φ + 1
4pi
(∇×B)×B(2)
∂ρE
∂t
+∇ · [(ρE + P )u] =−ρu · ∇Φ , (3)
where ρ, P , u, E, and Φ are density, thermal pressure,
velocity, specific total energy, and gravitational poten-
tial. The magnetic field B satisfies the induction equa-
tion,
∂B
∂t
+∇× (B× u) = 0. (4)
To numerically solve the MHD equations, we use an
unsplit staggered mesh (USM) algorithm described in
Lee & Deane (2009) and Lee (2013). The USM algo-
rithm, a finite-volume, second-order Godunov method,
uses a directionally unsplit scheme to evolve the MHD
equations. The divergence-free constraint on magnetic
fields, ∇ · B = 0, is enforced using the constrained
transport method of Evans & Hawley (1988). We use
the HLLD Riemann solver (Miyoshi & Kusano 2005) in
flash to calculate high-order Godunov fluxes. Mag-
netic fields are injected from cells on coarser to finer
levels of refinement on the AMR grid using the pro-
longation method in Balsara (2001), preserving the
divergence-free character of the magnetic field.
2.1. Initial Conditions
The group and cluster halo and their galaxies are ini-
tialized using the method in Paper I, with the initial
parameters of the group and cluster halos identical to
those in Table 1 of that paper. The satellite and central
galaxies have the same masses, positions, and velocities.
The ICM in the simulations in this paper, in addition
to the hydrodynamic component, is threaded by mag-
netic fields. The primary goal of these simulations is
to study the effect that ICM magnetic fields have on
galactic coronae and the effect of galaxy motions on the
ICM magnetic field; the galaxies themselves do not have
magnetic fields separate from that of the ICM.
The initial strength and structure of the ICM mag-
netic field are determined from observations of relaxed
clusters. The strength of the magnetic field is controlled
by the plasma β parameter, where β ≡ P/Pmagnetic =
8piP/|B|2. The thermal pressure P as a function of
cluster- or group-centric radius is calculated as in Pa-
per I, assuming hydrostatic equilibrium and a pre-
determined cool-core entropy profile. The plasma β pa-
rameter, hereafter referred to simply as β, is inversely
proportional to the square of the magnetic field: a higher
value of β implies a weaker magnetic field and vice versa.
Observational evidence based on rotation measure
(RM) studies (e.g. Kim et al. 1990, 1991, Taylor & Per-
ley 1993, Clarke et al. 2001, Carilli & Taylor 2002, Vogt
& Enßlin 2005) indicates that the typical magnetic field
strength in the ICM is ∼ 1 − 10 µG. For typical ICM
thermal pressure values, this corresponds to β ' 100. In
this work, we adopt β = 100 as the initial ratio of the
5total thermal energy to the total magnetic energy in the
simulation volume. This value of β corresponds to ini-
tial magnetic field strengths of ∼ 0.5−4µG; subsequent
amplification by galaxies results in peak magnetic field
strengths of 10− 20µG.
We assume that the magnetic fields in the cluster
and group are random and isotropically oriented with
a Kolmogorov-like power spectrum. This assumption is
motivated by Vogt & Enßlin (2003, 2005), who deter-
mined the power spectrum of the cluster magnetic field
in three clusters using RM analyses. In our simulations,
stochastic magnetic fields are generated using the pro-
cedure outlined in Ruszkowski et al. (2007). A similar
approach has been used to generate ICM magnetic fields
for flash simulations in Ruszkowski & Oh (2010) and
ZuHone et al. (2011). We describe our method and as-
sumptions below.
To ensure the magnetic field initially satisfies ∇ ·B =
0, we construct it from the vector potential A via B =
∇ × A. A is initialized on a uniform grid in k-space.
The amplitude of the Fourier transform A˜(k) is
A˜(k) ∝ k−1B˜(k), (5)
where k = |k|. B˜(k) is assumed to have a Kolmogorov-
like spectrum with exponential cutoff terms, and in line
with previous studies (Ruszkowski et al. 2007, ZuHone
et al. 2011), we adopt
B˜(k) ∝ k−11/6 exp[−(k/khigh)2] exp[−klow/k], (6)
where khigh = 2pi/λmin is a high wavenumber cutoff,
corresponding to the assumed coherence length of the
magnetic field, and klow = 2pi/λmax is a low wavenumber
cutoff, comparable to the size of the group or the cluster.
In these simulations, we use λmin = 43 kpc and λmax =
500 kpc, consistent with previous ICM simulations by
ZuHone et al. (2011).
To ensure that the phase of the final magnetic field is
uniformly distributed, the three Cartesian components
A˜x(k), A˜y(k), and A˜z(k) are treated independently and
set to
A˜x(k) = A˜(k)[G(ux1) + iG(ux2)], (7)
A˜y(k) = A˜(k)[G(uy1) + iG(uy2)], (8)
A˜z(k) = A˜(k)[G(uz1) + iG(uz2)], (9)
where G(ui) returns Gaussian-distributed random val-
ues of the uniformly distributed random variables ui.
A˜x(k), A˜y(k), and A˜z(k) are inverse Fourier trans-
formed, and the corresponding amplitudes of Ax(x),
Ay(x), and Az(x) are calculated on a uniform grid and
interpolated onto the AMR grid. Bx(x), By(x), and
Bz(x) are then calculated using second-order finite dif-
ferences. The final initialization step is to normalize
B(x), to ensure that the ratio of the total thermal en-
ergy to the total magnetic energy is equal to the cho-
sen value of β. To satisfy this criterion, we calculate
βavg =
(∫
dV P
)
/
(∫
dV Pmagnetic
)
and then multiply
B(x) by
√
β/βavg throughout the domain. Note that
the magnetic field is initialized after galaxies have been
initialized, so βavg includes the thermal energy of the
galaxies’ ISM. No additional galactic fields are created;
initially the galaxies are threaded by the group/cluster
field.
The simulation boxes in which the group and cluster
are evolved are identical to those in Paper I. The group
halo and its galaxies are simulated in a cubic box of
side 1025 cm (3.24 Mpc) and the cluster halo and its
galaxies in a cubic box of side 2× 1025 cm (6.48 Mpc).
We use a minimum of 4 (5) levels of mesh refinement in
the group (cluster), corresponding to a base grid reso-
lution of 25.6 kpc. The maximum resolution is 1.6 kpc,
corresponding to 8 (9) levels of refinement in the group
(cluster). All the galaxies and their stripped tails, in
addition to the ICM within the virial radius, are fully
resolved at the maximum spatial resolution. The refine-
ment criteria are as used in Paper I. We use periodic
boundary conditions for the gravity and magnetohydro-
dynamics; since the virial radius of both the group and
cluster are significantly smaller than the box sizes the
periodicity of the boundaries does not affect the evolu-
tion of the group and cluster.
3. SIMULATION RESULTS
3.1. The evolution of the ICM magnetic field in the
absence of galaxies
The magnetic field initialized in the fashion described
in § 2.1 is not force-free and therefore not relaxed. In the
absence of any other dynamical processes, the magnetic
field relaxes over many Gyr and the overall magnetic
pressure decreases. For β & 100, the magnetic field
is dynamically unimportant. Since the group or cluster
starts close to hydrostatic equilibrium it should therefore
remain so.
Figure 1 illustrates the evolution of the azimuthally
averaged radial profile of β for a 3.2 × 1013 M group.
Overall, β increases with time as the magnetic field re-
laxes and the magnetic pressure decreases. This effect
has been quantified in the context of galaxy cluster evo-
lution in previous studies by Ruszkowski et al. (2007)
and ZuHone et al. (2011). As seen in the next section,
in the presence of galaxy motions, the magnetic field
strength increases. Relaxation is therefore suppressed
during the early phases of cluster galaxies’ orbital evo-
lution.
6Figure 1. Evolution of the azimuthally averaged β profile for
a 3.2 × 1013 M group with no galaxies. The black dashed
line corresponds to the location of the group’s R200. Colors
correspond to different simulation times.
3.2. Galaxy stripping in a magnetized ICM
In the absence of viscosity and thermal conduction,
the ICM magnetic field should have two distinct effects
on the evolution of galaxies: if the magnetic field is
strong enough, the increased ICM pressure on galaxies
due to the magnetic pressure term can lead to increased
gas loss, but the magnetic field itself can suppress the
formation of hydrodynamic instabilities, thereby sup-
pressing gas loss in the tails of stripped galaxies. For
β ' 100, the magnetic pressure is too low to significantly
affect the ICM pressure on galaxies, but lower values of
β and the suppression of instabilities can significantly
affect the dynamics of galactic gas.
Figures 2 and 3 show snapshots of the emission mea-
sure weighted temperature of galaxies and the ICM in
the group and cluster. These snapshots can be com-
pared to those in Figure 3 of Paper I. At t = 1 Gyr, the
temperature snapshots in both magnetized and unmag-
netized simulations are qualitatively almost identical at
first glance, but closer inspection shows that the promi-
nent Kelvin-Helmholtz rolls associated with galaxies in
the central regions of the group are absent in galaxies
in the MHD simulations, particularly in Figures 2(a)
and 3(a). Both the narrow galaxy tails in the group
core and the wide galaxy wakes in the outer regions of
the group are noticeably smoother and nearly feature-
less. At t = 1.5 Gyr, this difference still persists: sup-
ported by magnetic fields aligned with the stripped tails,
galaxy tails are noticeably narrower and smoother com-
pared to the wide, diffuse stripped tails in the hydrody-
namic simulations. By t = 2 Gyr, the appearance of the
stripped tails in projection is markedly different: tails
in the MHD simulations are smaller, narrower, and less
disrupted (Figure 4). There are no wide galactic tails
in the MHD simulation, but more galaxies have narrow
tails attached to them than in the hydrodynamic simula-
tion. Qualitatively, one can therefore conclude that the
overall effect of ICM magnetic fields on stripped galactic
tails is to become aligned with the tails as galaxies move
through the ICM, and prevent their dissipation through
shear instabilities in the galaxy tail – ICM interface.
We further discuss the reason for this phenomenon –
the suppression of KH instabilities by magnetic fields –
in § 5.2.
Although the appearance of stripped tails is markedly
different in simulations with and without magnetic
fields, the amount of gas retained in the cores of galax-
ies is not significantly affected. Figure 5 shows radial
profiles of the stacked differential mass loss rate for
group galaxies up to t = 2.4 Gyr in simulations with
and without magnetic fields. At comparable timesteps,
the amount of mass lost at any given radius is compa-
rable in hydrodynamical and MHD simulations. This
makes sense since gas mass loss is primarily driven by
the net amount of pressure that a galaxy is subject
to, and for β  1, magnetic pressure does not signifi-
cantly contribute to this component. At late times (dis-
cussed in the following section), β decreases on average
from ∼ 100 to ∼ 50 at t = 0.5 Gyr and to ∼ 20 at
t = 1− 2 Gyr. The corresponding increase in magnetic
pressure is still not effective in significantly modifying
the overall mass loss rate for at least two reasons: (i)
even for β ' 20, the magnetic pressure is 20 times lower
than the thermal pressure, and (ii) galaxies have on av-
erage lost 50% of the gas within R200 by 0.5 Gyr, i.e.,
before the magnetic pressure has sufficiently increased
to modify galaxy mass loss rates.
3.3. The evolution of the ICM magnetic field in the
presence of galaxies
Orbiting galaxies, particularly massive, gas-rich galax-
ies that interact with the magnetized ICM, can
strengthen ICM magnetic fields and drive turbulence.
In this section, we illustrate this process for an isolated
group and cluster from t = 0 Gyr to t = 3 Gyr. Galax-
ies are stripped of 80 − 90% of their gas by t = 2 Gyr
(see Figure 5; detailed analysis without magnetic fields
is in Paper I). Due to the decrease in the force due to
galaxies’ ram pressure, the ICM magnetic field is not
amplified after t ' 2 Gyr. Here we briefly illustrate the
decay in the field strength in the case of the isolated
group.
Figures 6 and 8 show slices of density (in the upper
rows) and the plasma β parameter (lower rows) in the
7(a) (b)
Figure 2. The projected emission measure-weighted temperature (in K) of group galaxies. An animation of this figure showing
the evolution from 0 to 3.11 Gyrs is available.
(a) (b)
Figure 3. The projected emission measure-weighted temperature (in K) of cluster galaxies. An animation of this figure showing
the evolution from 0 to 3.11 Gyrs is available.
x = 0 plane of the isolated group and its galaxies. These
slices are annotated with magnetic field vectors. Corre-
spondingly, Figures 7 and 9 show slices of density and β
in the x = 0 plane for the isolated cluster and its galax-
ies. In these snapshots, β is used as a measure of the
magnetic field strength. At t = 0 Gyr, the distribution
of β is random and isotropic. The galaxies do not have
distinct magnetic fields themselves. The distribution of
galaxies in the density slice at t = 0 Gyr is uncorrelated
with the magnetic field structure.
By t = 0.5 Gyr (third columns in Figures 6 and 7),
prominent structures driven by galaxy motions appear
in the magnetic field. Most distinct is the increase in β
behind galaxies, along their direction of motion, well be-
fore their gas is stripped and forms tails. This is due to
field lines being dragged and stretched by galaxies mov-
ing through the ICM. In addition, field strength is en-
hanced along the outer boundaries of galaxy coronae, at
the ISM-ICM interface, where the ICM is compressed as
it moves past the galaxies’ surfaces. As galaxies are fur-
ther stripped, these structures become more pronounced
at t ' 0.6 − 0.8 Gyr. β increases outside-in in the tails
and edges of galaxies being stripped, and the fraction of
stripped galactic gas that is magnetized increases signif-
8Figure 4. Zoomed in stripped galaxies at t = 1.46 Gyr in the cluster in the pure hydrodynamic simulation (top row, from
Figure 19 of Paper I), and the same galaxies in the simulation with magnetic fields (bottom row).
icantly. The interiors of the more massive galaxies are
yet to be significantly affected by the magnetic field.
By t = 0.63 Gyr (right columns, Figures 6 and 7), the
magnetic field strength continues to be amplified along
low density wakes of ICM gas that trail galaxies. Dis-
tinct galaxy tails are not visible for all galaxies, since
these are slices rather than projections, but magnetic
field lines associated with galaxy tails in regions of low
β are clearly seen. At t = 1 Gyr in the group (first
column, Figure 8), the two massive galaxies from the
previous snapshots have been stripped to the character-
istic central corona plus stripped tail structure. Simi-
larly, corona-plus-tail galaxies are visible in the cluster
at t = 0.63 Gyr. Stripped and elongated tails are par-
tially supported by magnetic pressure, and the align-
ment of magnetic field lines along these tails suppresses
the formation of shear instabilities at the interface be-
tween these tails and wakes and the ICM. Even at t = 1
Gyr, while the tail of the most distinctive galaxy in the
group snapshot (with the center at [y, z] ' [200, 100]
kpc) is magnetized, the central coronal region is largely
unmagnetized and shielded. Galaxies with less promi-
nent tails also have coronae with significantly weaker
magnetic fields than the surrounding stripped gas. Al-
though the overall structure of this unstripped gas has
been subject to compression and tidal stretching, it has
yet to actually mix with the ICM.
At t & 1 Gyr (Figures 8 and 9), distinct unmagne-
tized coronae are no longer visible except for the most
massive galaxies. Magnetic field lines trace the orbits
of stripped tails; although some of the tails themselves
are no longer visible as overdense regions in the den-
9(a) No magnetic fields
(b) With magnetic fields
Figure 5. Stacked differential mass profiles as a function of
time for group galaxies. The solid lines correspond to all
group galaxies. The dashed lines are for galaxies that have
initial masses M > 1011 M, and the dotted lines are for
galaxies with initial masses M < 1011 M. Top: From hy-
drodynamic simulation (Paper I). Bottom: From simulation
with magnetic fields. While the timesteps at which differen-
tial mass loss profiles are calculated are not identical in both
simulations, they are close enough that they do not affect
our overall interpretation of the results, i.e. that a magne-
tized intracluster medium with β = 100 does not affect the
overall gas mass loss rate from galaxies.
sity slice, their associated β decrements persist. Areas
through which galaxies have passed are clearly visible in
the β slice and from the aligned magnetic field vectors
in the density slice. Additionally, shock waves driven by
galaxies are clearly seen at all timesteps in the density
slices, but there are no corresponding features in the β
slices. These weak shocks do not significantly affect the
magnetic field. After t & 1.5 Gyr, stripped tails widen
and become more diffuse, but their associated magnetic
field enhancements are not affected. β continues to de-
crease in previously quiescent regions as the orbits of
galaxies and their tails sweep increasingly larger frac-
tions of the group volume.
The tail and magnetic field of the group galaxy cen-
tered at (y, z) ' (100, 100) kpc at t = 1.5 Gyr (second
column, Figure 8, left column are particularly interest-
ing. This galaxy’s orbit bends close to the x = 0 plane,
as a result of which its stripped tail has a bent, almost
90◦ shape between t = 1.15 and t = 1.5 Gyr. The
magnetic field lines aligned with this tail also bend cor-
respondingly, showing that dramatic orbital turns can
drag along field lines, in addition to gentler bending of
field lines seen in other galaxies.
After t ' 1.5 Gyr (the two right hand columns of Fig-
ures 8, 9), the ICM magnetic field becomes increasingly
chaotic and complex. The magnetic field structure at
this time is a result of stretching and alignment of field
lines by initially gas-rich galaxies’ and their tails’ orbital
evolution, followed by further stirring by other galaxies
on their orbits. The tails and wakes of multiple galaxies
are superimposed and the collective effect of their mo-
tion is felt by the ICM magnetic field. By t = 2 Gyr
(third columns of Figures 8, 9), only a few galaxies have
distinctly visible tails. The magnetic field structure re-
mains disturbed and turbulent, although there are very
few coherent structures by this time.
Orbiting galaxies therefore clearly have a dramatic ef-
fect on the morphology of the ICM magnetic field. The
magnetic field strength is initially enhanced along the
edges of galactic coronae and field vectors are aligned
with stripped tails and wakes. These aligned fields
suppress shear instabilities at ISM-ICM boundaries.
Stripped tails become diffuse and dissipate with time,
but the enhanced field strength in the ICM is retained,
and the magnetic field is further disturbed by persis-
tent galaxy motions. A relaxed and relatively quiescent
ICM magnetic field therefore increases in strength and
becomes significantly more turbulent as a result of or-
biting, stripped galaxies.
The overall evolution of the magnetic field, for at least
2 Gyr, is therefore not to relax and decay from the initial
configuration, but to increase in strength with time as
a result of galactic motions and gas flows. These effects
are quantitatively seen in the evolution of azimuthally
averaged radial β profiles (Figures 10 and 11). Over-
all, β decreases with time within R200, the opposite of
the behavior of β in the relaxed group (Figure 1). The
rate at which β decreases is greatest for t = 0 − 1 Gyr,
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Figure 6. Slices of density and β from t = 0− 0.62 Gyr in the x = 0 plane of the isolated group, annotated with magnetic field
lines. An animation of this figure showing the evolution from 0 to 3.22 Gyrs is available.
Figure 7. Slices of density and β from t = 0− 0.62 Gyr in the x = 0 plane of the isolated cluster, annotated with magnetic field
lines. An animation of this figure showing the evolution from 0 to 3.22 Gyrs is available.
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Figure 8. Slices of density and β from t = 1 − 3 Gyr in the x = 0 plane of the isolated group, annotated with magnetic field
lines. An animation of this figure showing the evolution from 0 to 3.22 Gyrs is available.
Figure 9. Slices of density and β from t = 1 − 3 Gyr in the x = 0 plane of the isolated cluster, annotated with magnetic field
lines. An animation of this figure showing the evolution from 0 to 3.22 Gyrs is available.
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when galaxies are massive and prominent tails are be-
ing formed and supported. For t = 1 − 2 Gyr, β does
not change significantly within R200. During this pe-
riod, new galactic tails are not being formed and the
tails of less massive galaxies begin to dissipate. Inter-
estingly, while the field does not relax and the overall
magnetic field strength within R200 increases with time,
at large group-centric radii (R > R200), this is not the
case. These regions are not affected by galaxies. In the
absence of galactic motions, the field relaxes unimpeded
and β increases with time.
At late times, t & 1 Gyr in the cluster and t & 1.5 Gyr
in the group, galaxies have been stripped of more than
70% of their gas, and no longer exert enough force due to
ram pressure to continue amplifying the magnetic field.
Correspondingly, the azimuthally averaged value of β
starts to increase in the group and in the cluster, partic-
ularly at smaller group and cluster-centric radii. This
occurs partly because galaxies in these denser regions
are stripped more rapidly than those in the outskirts.
Figure 10. The evolution of the azimuthally averaged β pro-
file in the presence of galaxies in a 3.2×1013 M group. The
black dashed line corresponds to the location of the group’s
R200. Colors correspond to simulation timesteps.
3.4. ICM turbulence and the evolution of magnetic and
kinetic energy power spectra
Orbiting galaxies drive turbulence in the ICM. The
injection of turbulent kinetic and magnetic energy is
reflected in the time evolution of the spectra of these
energies. The magnetic energy spectrum is defined as
EB(k) = |B(k)|2 (Figures 12 and 13), and the kinetic
energy (per unit mass) spectrum as EK(k) =
1
2 |v(k)|2
(Figures 14 and 15) .
Figure 11. The evolution of the azimuthally averaged β pro-
file in the presence of galaxies in a 1.2×1014 M cluster. The
black dashed line corresponds to the location of the cluster’s
R200. Colors correspond to simulation timesteps.
Figure 12 shows the evolution of the power spectrum
of magnetic field fluctuations from t = 0 to t = 3 Gyr
in the isolated group, and Figure 13 from t = 0 to t = 3
Gyr for the isolated cluster. At t = 0 Gyr, the long
wavelength, low wavenumber cutoff is 500 kpc for the
input magnetic field power spectrum, corresponding to
k = 1.26× 10−2 kpc−1. Below this scale, as reflected in
Figures 12 and 13, the magnetic energy density drops
exponentially. There is no significant evolution in the
magnetic power spectrum at low wavenumbers corre-
sponding to spatial scales & 250 kpc. The periodicity of
the k-space grid on which the magnetic field is initialized
results in oscillations in the power spectrum at t = 0;
these oscillations are smoothed over time. This is be-
cause, in the absence of major mergers or other cluster
scale processes, one does not expect any major injec-
tion of energy at these scales. Since the galaxy velocity
field in our simulations is not symmetric, presumably
the galaxies could drive a large-scale dynamo, but if so
the timescale for magnetic field growth on large scales
appears to be longer than the ram pressure stripping
timescale. In real clusters undergoing mergers and ac-
cretion this may not be a barrier to development of a
large-scale dynamo.
Most of the magnetic power injection occurs at short
wavelengths (high wavenumbers). Energy is injected at
these small scales by the ‘fluctuation dynamo’ mecha-
nism (Brandenburg & Subramanian 2005, Subramanian
et al. 2006), wherein the magnetic field is stretched and
twisted by velocity shear on scales smaller than the ve-
locity correlation length. In our simulations this length
is initially about the size of the galaxies and their wakes
13
Figure 12. The spectrum of magnetic energy density in the
box enclosing the isolated group and its galaxies from t = 0
Gyr to t = 3 Gyr. The black line corresponds to the initial
input power spectrum. The grey dashed and dotted lines
are reference lines of constant slope, E(k) ∝ k−α, with the
legend denoting the value of α.
Figure 13. The spectrum of magnetic energy density in the
box enclosing the isolated cluster and its galaxies from t = 0
Gyr to t = 2 Gyr. The black line corresponds to the initial
input power spectrum. The grey dashed and dotted lines
are reference lines of constant slope, E(k) ∝ k−α, with the
legend denoting the value of α.
(∼ 10− 100 kpc). Most of the field amplification occurs
from t = 0 to t = 1 Gyr, when the total magnetic energy
at 10 kpc scales increases by about an order of magni-
tude. During this period, β also decreases dramatically,
as seen in Figures 10 and 11. From t = 1.5 to t = 2
Gyr, there is little change in the power spectrum, con-
sistent with constant β. At late times (t & 2 Gyr for
the group and t & 1 Gyr in the cluster), when galax-
Figure 14. The spectrum of
1
2
v2 in the box enclosing the
isolated group and its galaxies from t = 0 Gyr to t = 3
Gyr. The black line corresponds to the initial input power
spectrum. The grey dashed and dotted lines are reference
lines of constant slope, E(k) ∝ k−α, with the legend denoting
the value of α.
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Figure 15. The spectrum of
1
2
v2 in the box enclosing the
isolated cluster and its galaxies from t = 0 Gyr to t = 2
Gyr. The black line corresponds to the initial input power
spectrum. The grey dashed and dotted lines are reference
lines of constant slope, E(k) ∝ k−α, with the legend denoting
the value of α.
ies have been mostly stripped of their gas, the magnetic
field on small scales decays as there is no longer any sig-
nificant driver of turbulence. The magnetic field decays
at a much slower rate than the initial amplification, and
decays on small spatial scales where the power spectrum
falls off exponentially.
In contrast to the magnetic spectra, EK grows on all
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scales during the first Gyr, then decays most rapidly on
large scales (Figures 14 and 15). This occurs because the
galaxy wakes drive a turbulent cascade that ceases as the
galaxies lose their gas. After about 1.5 Gyr, the galaxies
contain insufficient gas to continue to drive the cascade
and kinetic energy decays on scales above 10 kpc. The
slope of EK(k) varies between −5/3 (Kolmogorov) and
−2 across two orders of magnitude, consistent with pre-
vious results on ICM turbulence by Vazza et al. (2009),
Gaspari & Churazov (2013), Vazza et al. (2014) and oth-
ers.
Figure 16. Evolution of the integral and differential scales
of the magnetic field in the group and cluster.
We further characterize the evolution of turbulence in
the magnetic and velocity fields by means of the integral
and differential length scales. The integral scale of a
field corresponds to the largest scale over which a field
is correlated. These quantities are defined in Monin &
Yaglom (1975), where the integral scale is defined as
L ≡ Ki
∫
k−1E(k)dk∫
E(k)dk
, (10)
and the differential length scale is defined as
λ ≡ Kd
( ∫
E(k)dk∫
k2E(k)dk
)0.5
. (11)
Ki and Kd are constants of order unity. Their precise
values depend on the scalar or vector nature of a given
field and its homogeneity, isotropy, and overall morphol-
ogy. For a homogeneous, isotropic, solenoidal field, the
longitudinal integral scale has Ki = 3pi/4 and Kd = 5.
The magnetic field is by definition solenoidal, although
not necessarily homogeneous in these simulations since
there is a radial dependence to the field strength. The
velocity field is not solenoidal.
The evolution of the integral and differential length
scales for the group and cluster magnetic field are shown
in Figure 16. These length scales decrease significantly
up to t ∼ 1.5 Gyr in the group and t ' 1 Gyr in
the cluster, when galaxies maximally drive turbulence
and amplify ICM magnetic fields. During this period,
the plasma β parameter also declines and the magnetic
power spectrum increases significantly. Later, when tur-
bulence decays, these scales grow.
In addition to the turbulence generated in the stripped
galaxy tails and wakes, orbiting, massive galaxies can
also generate turbulence in the ICM through the ex-
citation of g-modes. Previous analytic and numerical
calculations by Balbus & Soker (1990), Lufkin et al.
(1995), and Ruszkowski & Oh (2011) show that when
a galaxy’s orbital frequency ω < ωBV (where ω
2
BV =
ω2circ
3
5
d lnS
d ln r is the Brunt-Va¨isa¨la¨ frequency; we refer the
reader to Balbus & Soker 1990 and Lufkin et al. 1995
for detailed calculations), the galaxy can resonantly
excite g-mode oscillations. The cluster-centric radius
within which ω < ωBV (which, for the power-law en-
tropy profile used in our simulations, is proportional
to GMcluster/v
2
galaxy) defines a resonant cavity within
which g-waves are trapped. These g-waves perturb the
velocity field. The vorticity Ω ≡ ∇× v is a good tracer
of g-waves (Lufkin et al. 1995). Ruszkowski & Oh (2011)
also argue that given the similarity between the vortic-
ity and magnetic field equations, the growth in vortic-
ity due to g-mode oscillations can drive dynamo action,
subsequently amplifying ICM magnetic fields.
The generation of vorticity in our simulations is illus-
trated in Figure 17 in a slice through the group. At
t = 0 Gyr, the ICM is at rest and in hydrostatic equi-
librium; consequently there is no vorticity in the ICM.
Galaxies have a non-zero initial velocity with respect to
the ICM; as they orbit within the group and drive g-
waves, the vorticity in the ICM increases. At t = 0.5
Gyr, the shearing motions between the galaxies and the
ICM result in an increase in vorticity along the surfaces
and tails of galaxies (compare the enhancements in vor-
ticity in Figure 17 to the enhancements in β in Figures 6
and 8. Additionally, the vorticity significantly increases
from zero in the background ICM, even in regions which
are not yet impacted by galaxy wakes, indicating that the
vorticity and subsequent turbulence in these regions is
not generated by galaxy tails and wakes, but g-waves.
Further, we see that the overall vorticity increases up to
t ' 1.5−2 Gyr and begins to decrease by t = 3 Gyr, sim-
ilar to the evolution of the magnetic and kinetic power
spectra and the overall velocity dispersion. This makes
sense since dynamically the generation of galaxy wakes
and g-waves depends on galaxy masses; once galaxies
are stripped of most of their mass by tidal effects and
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Figure 17. Absolute magnitude of vorticity, Ω = ∇× v in the x = 0 plane of the group.
ram pressure stripping, they are less effective in driving
both types of turbulence.
We have verified that the increase in vorticity is indeed
due to the galaxies and not merely spurious numerical
effects. Using a simulation of a group with the same col-
lisionless dark matter distribution, hydrodynamic prop-
erties, and identical magnetic field structure, but with-
out any galaxies and initially in hydrostatic equilibrium,
we measure the amount of vorticity generated only due
to numerical effects. This simulation is at the same spa-
tial resolution as our other simulations. Figure 18 shows
azimuthally averaged radial profiles of the magnitude of
vorticity in the simulations with and without galaxies.
We see that there is a higher level of vorticity generated
due to orbiting galaxies: up to a factor of 10 in the cen-
tral regions, and a factor of 2 or more in the outskirts.
Furthermore, we see that when there are no galaxies,
the amount of numerical vorticity generated saturates
by t = 2 Gyr, and does not significantly decline later.
In the presence of orbiting galaxies, however, the tem-
poral behavior of the vorticity is similar to that of the
overall turbulence and magnetic pressure: increasing up
Figure 18. Radial profiles of the magnitude of vorticity in
the group simulation without orbiting galaxies (dashed lines)
and with galaxies (solid lines).
to t = 1.5− 2 Gyr, followed by a decline.
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4. OBSERVATIONAL DIAGNOSTICS AND
IMPLICATIONS
4.1. Turbulence and velocity dispersion: limits for
ATHENA or a Hitomi-like mission
We showed in the previous section that orbiting galax-
ies generate g-mode turbulence in the ICM in addi-
tion to the turbulence generated in their stripped tails
and ICM wakes. Future X-ray missions, particularly
ATHENA (or a Hitomi -like mission with an X-ray mi-
crocalorimeter) can measure the turbulent broadening
of X-ray spectral lines. ATHENA (currently scheduled
to launch in 2028) is planned to have an X-ray Integral
Field Unit (X-IFU), which will consist of an array of
cooled microcalorimeters with a spectral resolution of
2.5 eV, energy range of 0.2− 12 keV, field of view of 5′,
and spatial resolutions of 5′′− 10′′ (Barret et al. 2015).
At these limits. the X-IFU can measure turbulent veloc-
ities of 100−1000 km s−1 with 10−20 km s−1 precision
(Ettori 2014). The Soft X-ray Spectrometer (SXS) on
Hitomi using a micro-calorimeter was designed to be
capable of producing spectra with an energy resolution
< 7 eV in the 0.3−12 keV energy band, with an angular
resolution of 1.3′and a 3′× 3′ field of view (Takahashi
et al. 2014). Correspondingly, Hitomi was capable of
measuring RMS velocity dispersions with precisions of
∼ 100 − 150 km s−1 and mean line-of-sight velocities
with precisions of ∼ 100 km s−1 for clusters at redshifts
0.03 < z < 0.1 (Kitayama et al. 2014). Below we dis-
cuss limits applicable to both a Hitomi -like mission and
ATHENA.
In addition to orbiting galaxies and their stripped tails
and wakes, turbulence can be generated in the ICM
via multiple potential mechanisms, including major and
minor mergers with clusters and subclusters, accretion
of gas from the surrounding large scale structure, and
AGN activity, as described in § 1. In our idealized
experiment, we do not include these effects, and can
therefore uniquely constrain the amount of turbulence
generated only due to galaxy-driven mechanisms. The
ICM in our simulations is initially in hydrostatic equi-
librium, with no bulk or turbulent velocity component
apart from that of orbiting galaxies. The ICM veloc-
ity field therefore consists of galaxies’ bulk velocities,
velocities of stripped tails, turbulent velocities in ICM
wakes, as well as g-mode turbulence driven into the dif-
fuse background ICM.
We analyze the evolution of both the overall velocity
field, vtotal and the turbulent velocity field, vturbulent,
where vturbulent = vtotal − vbulk. To calculate the
bulk velocity, vbulk, we apply a Gaussian filter with a
smoothing scale of rsmooth = 50 kpc on the vtotal field.
The choice of rsmooth corresponds to the typical size of
galaxies and their wakes; modifying this scale by a fac-
tor of 2 does not significantly affect our overall results.
Figure 19 illustrates our calculation of vturbulent. Fig-
ure 19(a) shows a slice of vtotal,x at t = 0.5 Gyr, Fig-
ure 19(b) shows vtotal,x after Gaussian smoothing, and
Figure 19(c) shows the residual turbulent component of
vx after subtracting the smoothed velocity field.
Figures 20 and 21 show the evolution of the total ve-
locity dispersion field, the turbulent velocity dispersion,
and turbulent pressure from t = 0 to t = 3 Gyr. In these
figures, we show the overall evolution of the fractional
volume of the group and cluster (within their virial ra-
dius, R200) where the velocity dispersion exceeds 50,
100, 300, and 700 km s−1 and the turbulent pressure ex-
ceeds 10−11, 10−12, 10−13, and 10−14 dyne cm−2. These
values are chosen to represent typical detection limits of
ATHENA (and a Hitomi -like mission). The evolution
of the total velocity field is primarily driven by the ini-
tial bulk velocities of galaxies. As galaxies are stripped
and their dark matter and gas are eventually virialized
within the cluster potential, their bulk kinetic energy
is converted to turbulent kinetic energy and then heat,
and the overall velocity dispersion gradually declines.
Correspondingly, the fractional volume of gas where the
velocity dispersion exceeds the above typical detection
limits declines monotonically in Figures 20(a) and 21(a).
Although the overall velocity dispersion continually
declines, the volume fraction of gas where the turbu-
lent velocity is higher than the specified detection limits
peaks between t = 0.5−1.5 Gyr. This corresponds to the
period when turbulent kinetic energy is injected, seen
in Figures 14 and 15. As the turbulent kinetic energy
decays, the volume of the ICM with increased turbulent
velocity dispersion also declines, as seen in Figures 20(a)
and 21(a). The more massive cluster has a higher intrin-
sic velocity dispersion; therefore a larger fraction of its
gas exceeds the above velocity dispersion detection lim-
its. The evolution of the turbulent pressure is similar
to that of the turbulent velocity. The highest fractional
volume of gas exceeding the previous detection limits
occurs between t = 0.5− 1.5 Gyr, followed by a gradual
decline as turbulence initially driven by galaxies decays
(Figures 20(b) and 21(b)).
4.2. Faraday rotation measure
An important observational diagnostic of magnetic
fields in the ICM is the Faraday rotation measure, first
described in Burn (1966). Since then, the Faraday RM
has been a key diagnostic of astrophysical magnetic
fields, particularly in the diffuse intracluster medium
(see Dreher et al. 1987 and other references in the intro-
duction for more recent results). Magnetic fields in an
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(a) vx field in the z = 0 plane (b) vx, smoothed with a Gaussian kernel of
width 50 kpc
(c) vx,pec = vx − vx,smoothed
Figure 19. These figures illustrate the calculation of the peculiar velocity field in the cluster at t = 0.5 Gyr in the z = 0 plane.
The figure on the left is the x component of the velocity field on the grid, including the bulk motion of galaxies and their tails.
The figure in the center is vx smoothed with a Gaussian kernel of width 50 kpc, and the figure on the right is the velocity
field after subtracting the smoothed component, or the bulk motion — the x component of the turbulent velocity field in our
calculation.
(a) Velocity dispersion, σv =
√
v2 − 〈v〉2 (b) Turbulent pressure, ρσ2v,turbulent
Figure 20. The evolution of the volume fraction of the isolated group where the velocity dispersion, turbulent velocity dispersion,
and turbulent pressure exceed specified values. σv is the velocity dispersion before subtracting the smoothed component and
σv,turb is the velocity dispersion after subtracting the smoothed component.
ionized plasma, like the ICM, affect the direction along
which electrons gyrate, which in turn rotates the plane
of polarization for electromagnetic radiation (reviewed
in Carilli & Taylor 2002) by an angle ∆χ = RMλ2. The
Faraday rotation measure (RM) depends on the local
electron number density, magnetic field, and the net in-
tegrated path length through the medium via
RM = K
∫
neB · dl, (12)
where RM is in units of radians m−2 and K = 0.81
rad m−2 cm3 µG−1 pc−1. At a given wavelength, the
RM depends on the integrated value of the magnetic
field through the ambient ICM. Therefore, for a random,
isotropic, magnetic field, the average value of RM along
any individual line of sight is 0.
As galaxies move through the ICM, magnetic fields
are draped around the leading surfaces of galaxies,
stretched, and amplified. Magnetic field lines in the
stripped tails of galaxies are also stretched and ampli-
fied. These changes introduce local anisotropy into the
field. A line of sight through these regions will therefore
have an enhanced RM. Figures 22(a) and 22(b) show the
RM projected along the x-axis of our simulated group
at t = 0.5 and 1 Gyr. Outside the core of the group, the
RM is close to zero everywhere except in the vicinity
of galaxies, whereas in the core the RM is large because
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(a) Velocity dispersion, σv =
√
v2 − 〈v〉2 (b) Turbulent pressure, ρσ2v,turbulent
Figure 21. The evolution of the volume fraction of the isolated cluster where the velocity dispersion, turbulent velocity disper-
sion, and turbulent pressure exceed specified values. σv is the velocity dispersion before subtracting the smoothed component
and σv,turb is the velocity dispersion after subtracting the smoothed component.
the field experiences fewer reversals in a region with high
electron density.
Magnetic draping, clearly visible as enhancements in
the RM maps, is harder to disentangle in azimuthally
averaged radial profiles of the RM. Figures 22(c) and
22(d) show profiles of the absolute value of the RM in
the group at t = 0.5 Gyr and 1 Gyr. In these profiles
the radial bin sizes are 4.7 kpc, significantly smaller than
the magnetic field correlation length in our simulations.
At each timestep, we also filter the RM on spatial scales
from 10 kpc − 50 kpc, corresponding to low spatial res-
olution mapping and profiling of the RM. With no fil-
tering, the variations in the RM due to magnetic field
amplification manifest as fluctuations about a smooth
RM profile. With decreasing spatial resolution, corre-
sponding to increasing filtering scale, the overall effect
is for the magnitude of these fluctuations to decrease
and the profile to become increasingly smooth.
We compare the unfiltered radial profiles of the abso-
lute value of RM and its dispersion, σRM, at different
timesteps in Figures 23 and 24. RM and σRM decline
with radius as both density and the absolute value of
the magnetic field decrease with increasing radius. Fig-
ures 23(a) and 24(a) show that there is no significant
evolution in RM from t = 0−3 Gyr. Although the ICM
magnetic field is amplified by galaxies up to t = 2 Gyr,
this is not immediately apparent from the azimuthally
averaged profiles alone given the extent of spatial fluc-
tuations. Figures 23(b) and 24(b) show the dispersion
in RM as a function of radius. Here, the fluctuations in
the magnetic field due to galaxies is more apparent. At
earlier times, when there is an enhanced magnetic field
due to the increased magnetic field strengths and densi-
ties in the centers of galaxies (t = 0 Gyr), or magnetic
fields are enhanced along stripped galaxy tails (t = 1
Gyr), there is a larger corresponding deviation in σRM.
At later times, these enhancements in σRM disappear as
the magnetic field isotropizes.
5. DISCUSSION
5.1. Interpretation of results
As previously discussed, our simulations sit in terms of
complexity between idealized wind tunnel experiments
and cosmological simulations. They include some of the
properties of the real global ICM but neglect mergers
and accretion. A natural extension of this work would be
an idealized cluster merger simulation including galaxy
models, which we have explored before using particle
sampling (Vijayaraghavan & Ricker 2013) and plan to
address with model subhalos in a future paper.
Because of our idealized initial conditions, some of the
early evolution can be attributed to artificial transients.
In Figures 6 and 7, we see that the initially round shapes
of galaxies, as well as the correlation of galaxy size with
starting radius implied by our nonoverlapping criterion,
has largely disappeared by t = 500 Myr. Mass stripping
has not stopped by this point in either case. As seen
in Figure 5, group galaxies lose ∼ 40 − 50% of their
gas inside R200 within t = 500 Myr; this is primarily
the diffuse outer gas. Between t = 500 Myr to t =
2.4 Gyr, galaxies lose another 50% of their gas; this is
the denser bound core gas. Cluster galaxies are stripped
at a somewhat faster rate: they lose ∼ 60% of their
gas within t = 500 Myr (Paper I). In each case the
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(a) RM map projected along x at t = 0.5 Gyr (b) RM map projected along x at t = 1 Gyr
(c) Radial profile of RM at t = 0.5 Gyr (d) Radial profile of RM at t = 1 Gyr
Figure 22. Top row: Projected rotation measure map of the isolated group along the x direction, magnetic fields amplified over
the leading surfaces of galaxies and along stripped galaxy tails are clearly visible. Bottom row: azimuthally averaged radial
profiles of the absolute value of RM in the isolated group along the x direction, after filtering on spatial scales from 10− 50 kpc,
which effectively filters out small scale fluctuations, at t = 0.5 Gyr and t = 1.0 Gyr.
mass loss rate slows down only after about 1 Gyr, well
after transient effects appear to have dissipated. Thus
our simulations resolve much of the initial rapid mass-
removal phase as well as the late-time slower removal of
gas from the dense galaxy cores.
Insofar as our simulations can be compared directly to
real clusters, they should be most similar to relatively
isolated clusters with low accretion rates. These are
not straightforward to identify observationally. Recent
theoretical work on splashback features in cluster den-
sity profiles (Diemer & Kravtsov 2014; Adhikari et al.
2014) has shown that mass accretion rate correlates with
the radius at which the density profile steepens signifi-
cantly from the asymptotic Navarro et al. (1997) behav-
ior, as well as the steepened slope there and the cen-
tral concentration. These theoretical predictions have
not yet translated into an observational proxy that can
be cleanly separated from projection effects (Zu et al.
2016), though there is some hope for methods based
on caustics (De Boni et al. 2016). Thus at present we
must look at proxies for recent merger activity as a way
to separate out relatively relaxed and isolated clusters.
Examples of relaxed clusters include the CLASH sam-
ple (Postman et al. 2012; Donahue et al. 2016) and the
Mantz et al. (2014) sample. Merging cluster samples in-
clude the Chandra-Planck Legacy Program for Massive
Clusters of Galaxies (http://hea-www.cfa.harvard.
edu/CHANDRA_PLANCK_CLUSTERS). Systematic compar-
isons of the RM, σRM, and therefore the magnetic field
strength and distribution in the ICM of relaxed and un-
relaxed clusters along the lines of Bonafede et al. (2011)
can allow us to understand the magnetic field evolution
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(a) Radial profile of the absolute value of RM (b) Radial profile of σRM
Figure 23. Evolution in the azimuthally averaged profiles of the absolute value of the RM and dispersion in RM for the isolated
group.
(a) Radial profile of the absolute value of RM (b) Radial profile of σRM
Figure 24. Evolution in the azimuthally averaged profiles of the absolute value of the RM and dispersion in RM for the isolated
cluster.
in these systems. Similarly, high resolution X-ray spec-
troscopy with future Hitomi -like missions or ATHENA
will enable comparisons of the velocity distribution.
5.2. The effect of ICM magnetic fields on galactic hot
coronal gas
The results in § 3.2 and Figure 5, compared to galax-
ies’ differential gas mass loss rate in Paper I, show that
the presence of weak initial magnetic fields (β = 100)
does not affect the overall rate at which galaxies are
stripped of their hot coronal gas. Similar results have
been found in other comparable wind tunnel-like sim-
ulations of galaxy stripping in a magnetized medium.
Ruszkowski et al. (2014), in simulations of disk galax-
ies being stripped in a magnetized ICM with magnetic
fields of strength β ' 21, with edge-on and tilted disk
configurations, find that the magnetic field has a rel-
atively weak effect on overall mass loss. Tonnesen &
Stone (2014), in their stripping simulations with disk
magnetic fields, find that the presence of the magnetic
field does not alter the overall mass loss, although the
morphology and strength of the magnetic field result in
minor differences in the early stages of stripping.
The insensitivity of overall gas mass loss rates to the
presence of ICM magnetic fields occurs because gas loss
is primarily driven by ram pressure in the ICM and tidal
forces in the background halo; for cases where β  1,
these forces are significantly stronger than correspond-
ing magnetic field effects. Galaxies experiencing ram
pressure stripping develop leading surfaces whose loca-
tions are determined by approximate pressure balance
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between ICM ram plus thermal pressure on the one
hand and the radially declining pressure profile of the
galaxies’ coronae on the other (Paper I). The ICM flow
compresses only the component of the magnetic field
that is perpendicular to the flow direction at the lead-
ing surface of a galaxy (Dursi & Pfrommer 2008, Shin &
Ruszkowski 2014), forming a thin layer of increased field
strength where β is still  1. Mass loss from galaxies
during early stages is therefore similar to the case with-
out magnetic fields.
Where magnetic fields do have an effect is in the gas
loss from coronal edges and stripped tails that trail
galaxies in their orbits, and this where the difference
in galaxy coronal gas evolution from the pure hydro-
dynamic case is most evident. Magnetic field lines are
stretched by shearing flows along the edges of galaxies
(Figures 6, 7), amplifying the magnetic field, due to the
flux freezing criterion of ideal MHD. The component of
the magnetic field aligned along the direction of the flow
can then suppress the formation of Kelvin-Helmholtz in-
stabilities along the coronal gas-ICM boundary parallel
to the flow, if the relative fluid velocity at the boundary
is less than the root mean squared value of the Alfve´n
speeds in the two media (Chandrasekhar 1961). Typ-
ical values of the Alfve´n speed (vA =
√
B2/(4piρgas))
in our simulation initially range between ∼ 50 − 100
km s−1 in the ICM in the isolated group and cluster,
before galaxies amplify the ICM magnetic field. How-
ever, when the magnetic field is amplified due to shear
at the ICM-ISM interface, the Alfve´n speed increases up
to 500− 900 km s−1 in these regions. The RMS Alfve´n
speed is then comparable to the relative velocity be-
tween the ISM and ICM, allowing KH instabilities to be
suppressed. These shear instabilities occur where coro-
nae and galactic tails mix with the ICM and dissipate
in the hydrodynamic simulations in Paper I. With mag-
netic fields aligned along these edges, stripped galactic
gas that is pushed downwind does not mix with the ICM
as easily.
Stripped tails, partially supported by magnetic pres-
sure, are narrower and less susceptible to characteristic
Kelvin-Helmholtz instabilities due to shear flows at the
ISM-ICM interface (Figure 4). Tails supported by mag-
netic pressure with field lines aligned along the direction
of the tail have been reported in earlier MHD simula-
tions of galaxy stripping (Ruszkowski et al. 2014, Shin
& Ruszkowski 2014). Some galactic tails in our simula-
tions appear to have bifurcated structures that resemble
observed double tails in galaxies undergoing stripping
(e.g. ESO 137-002, Zhang et al. 2013). Although galac-
tic tails are partially supported by magnetic pressure,
magnetic fields alone are not necessarily responsible for
the bifurcated structure, since we see bifurcated tails in
the purely hydrodynamic simulations in Paper I. How-
ever, the presence of magnetic fields makes these tails
less susceptible to disruption from shear instabilities.
5.3. The evolution of ICM magnetic fields in the
presence of orbiting galaxies
Orbiting, stripped, gas-rich galaxies modify the
strength and configuration of ICM magnetic fields.
Galaxies with an initially magnetized ISM can seed clus-
ter magnetic fields through outflows and stripping; these
effects are not investigated in this work, as our galaxies
do not initially have a distinct magnetic field compo-
nent. The magnetic field in our static group simulation,
which in its initial configuration in the absence of galaxy
motions is unrelaxed, decays to a stable configuration.
Consequently, the overall magnetic field strength of the
ICM decreases with time (§ 3.1, Figure 1). In the pres-
ence of galaxies and their orbital motions, a small-scale
dynamo driven by galaxy motions amplifies the mag-
netic field. This amplification is sustained for ∼ 2 Gyr
in the isolated group and ∼ 1.5 Gyr in the cluster. The
morphology of the ICM magnetic field is also modified
to a more tangled configuration in the presence of turbu-
lent wakes generated by galaxies. As galaxies are further
stripped of most of their gas, this process becomes less
effective and the magnetic field begins to decay.
Subramanian et al. (2006) propose that turbulent mo-
tions in the ICM can amplify seed cluster magnetic fields
and prevent their decay. Using analytic and numerical
arguments, they argue that the exponentially fast am-
plification of the weak initial cluster seed magnetic field
by random motions, turbulence driven by cluster major
mergers, and magnetic fields generated in the turbulent
wakes of infalling galaxies can sustain and amplify clus-
ter magnetic fields. The results of the simulations in this
paper are consistent with these expectations. Although
the ICM in our simulations has an initial magnetic field
whose strength (∼ µG) is significantly higher than cos-
mological seed magnetic fields arising from plasma bat-
tery effects, one can qualitatively verify that galaxy mo-
tions alone, in the absence of major mergers or any other
mechanism of seeding ICM magnetic fields, can amplify
the magnetic pressure by a factor of ∼ 5− 10 in 2 Gyr.
Better resolution of the turbulent dynamo might make
this factor larger.
Magnetic wakes generated by galaxies in the ICM
drive turbulence while trailing behind stripped galax-
ies before they dissipate or are detached. The magnetic
field itself becomes increasingly more tangled in addi-
tion to being amplified. The evolution of the magnetic
energy density power spectrum is seen in Figures 12 and
13 for t = 3 Gyr of evolution in the group and cluster.
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From t = 0 − 2 Gyr, the increase in magnetic power is
driven by galaxy motions, so the increase in magnetic en-
ergy occurs primarily at scales comparable to the sizes of
galaxies and their tails. The rate which magnetic energy
density increases slows down after t ∼ 1 Gyr, and turbu-
lence decays after galaxies have mostly been stripped at
t & 2 Gyr. Based on these results, one can conclude that
infalling stripped galaxies can drive turbulence and am-
plify magnetic fields for about one dynamical timescale.
The importance of this process depends on galaxy in-
fall rate and the mass distribution of infalling galaxies
and subclusters. Turbulence driven by galaxies also af-
fects the power spectrum of kinetic energy, in addition
to magnetic energy. Kinetic energy is injected at large
scales as galaxies lose their potential energy, and this
then cascades down to small scales.
Cosmological simulations of structure formation in
general show that the process of cluster formation am-
plifies initial seed magnetic fields by ∼ 3 orders of mag-
nitude. Dolag et al. (1999) and Dolag et al. (2002) show
that nG seed magnetic fields are amplified to µG fields
in cosmological MHD simulations, largely independent
of the initial magnetic field configuration. Dubois &
Teyssier (2008) using cosmological simulations of cluster
formation show that magnetic fields are primarily am-
plified during the cluster’s gravitational collapse, while
additional shearing motions in the outskirts of clusters
generate turbulence that further amplifies cluster mag-
netic fields. Vazza et al. (2014) show using cosmolog-
ical simulations that structure formation can generate
turbulence and amplify magnetic fields in clusters. In
their magnetic power spectrum analyses, they show that
most of the energy injected in clusters at late times
(z ∼ 0) is at scales ∼ 100 kpc. With our simulations,
we do not account for magnetic field amplification dur-
ing the process of 1014 M cluster formation itself, but
by ∼ 1010 − 1012 M galaxies, and we show that these
galaxies amplify ICM magnetic fields by a factor of ∼ 3.
Controlled experiments that simulate cluster-
subcluster mergers also show that mergers amplify ICM
magnetic fields. Roettiger et al. (1999) show using 3D
MHD simulations of merging clusters that magnetic
fields become filamentary and stretched by the infalling
cluster, and that magnetic energy is amplified by a
factor of 3 − 20 as a result of the merger on scales
comparable to the size of the cluster core. Takizawa
(2008) show that infalling subclusters in cluster mergers
generate ordered magnetic fields in their wake, and
appear as cool regions surrounded by magnetic fields.
The magnetic fields in the wakes of orbiting galaxies
in our simulations are also ordered and aligned with
galaxies’ tails. ZuHone et al. (2011), in simulations of
cluster-subcluster mergers that result in sloshing of the
cluster core about the potential well, show that velocity
shears associated with the cold fronts amplify magnetic
fields on the surfaces of cold fronts from initial values
of 0.1 − 1µG up to ∼ 10µG; we see a similar shearing
effect along the sides of our galaxies that results in
amplifying the component of the magnetic field parallel
to the ICM flow. Additionally, although our simulations
are of galaxies amplifying ICM magnetic fields rather
than massive subclusters, the total mass of all the
galaxies in our simulations (∼ 10− 15%) is comparable
to the lower end of merging subcluster masses (25% in
Takizawa 2008, 20% in ZuHone et al. 2011, but 40% in
Roettiger et al. 1999). Overall, the magnetic pressure
increases by a factor of 5 − 10 due to galaxies alone in
our simulations (Figures 10 and 11).
5.4. Detecting ICM turbulence and magnetic field
amplification
The detection of ICM turbulence is an outstanding
problem in cluster astrophysics. X-ray missions to date
have not had sufficient spectral resolution to resolve bulk
flows and gas velocity dispersions of∼ 200 km s−1. Since
the loss of Hitomi (with the exception of its early sci-
ence observations of the Perseus cluster; Hitomi Collab-
oration 2016), the most promising future mission capa-
ble of making such measurements is ATHENA, which is
scheduled to launch in 2028. Fluctuations in the ther-
mal Sunyaev-Zeldovich (SZ) effect are also potentially
a promising avenue (Khatri & Gaspari 2016) towards
characterizing ICM turbulence, given the wealth of SZ
observations from various missions including Planck, the
South Pole Telescope, MUSTANG-2, ALMA, CARMA,
and more. High resolution X-ray measurements have
also been used to measure density and temperature
fluctuations, and infer turbulent properties of the ICM
(Gaspari et al. 2014; Hofmann et al. 2016).
With the simulations presented in this paper, we have
isolated the contribution of galaxies alone to the overall
amount of turbulence in the ICM. In our idealized con-
figuration, all the galaxies in the cluster and group have
all of their mass at t = 0 Gyr; therefore the amount
of turbulence generated by these galaxies is an upper
limit to the galaxy contribution to ICM turbulence in
real clusters. As seen in Figures 20(a) and 21(a), less
than 1% of the group volume and 10% of the cluster
volume have turbulent velocity dispersions higher than
300 km s−1 at any time. 2 From t = 0 to 3 Gyr, the net
2 By itself this result is consistent with the recent Hitomi re-
sults on the Perseus cluster, since these probed only a small region
in the core (Hitomi Collaboration 2016). However, additional dis-
sipation mechanisms not included in our simulations could reduce
the turbulent volume fraction further.
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increase in the volume fraction of the ICM in the group
with turbulent velocity dispersions above 300 km s−1
and 700 km s−1 is by a factor of 2−3. In the more mas-
sive cluster, where galaxies are stripped more rapidly,
the net increase in these volume fractions is effectively
zero from t = 0 to 3 Gyr, at about 0.1 − 1%. We can
therefore conclude that while galaxies generate turbu-
lence via their stripped wakes as well as g-waves, this
turbulent kinetic energy is not a significant fraction of
the overall ICM energy budget. The generated turbu-
lence does, however, play a significant role in the evolu-
tion of the magnetic field. Turbulence in the ICM can be
generated by multiple sources, including cluster merg-
ers, accretion from the surrounding large scale struc-
ture, and outflows from AGN and galaxies, as described
in the introduction. Energetically, the most prominent
of these sources are mergers between clusters of com-
parable masses, where the kinetic energy of the merger
is comparable to the total potential energy of the clus-
ters. Galaxies by comparison contribute only to ∼ 5%
of the mass in clusters, and are therefore not energetic
enough to significantly increase the overall amount of
non-thermal and turbulent pressure in the ICM.
Although ICM magnetic fields have been observed and
characterized using RM techniques, the shearing and
amplification effects of individual galaxies or the align-
ment of magnetic fields with galaxies’ stripped tails,
have not yet been observed, partly due to the necessity
of appropriately located background radio sources. In
principle, this is possible with current and future RM
observations. For instance, radio galaxies in clusters
can themselves be used to probe galaxy-scale effects on
the ICM magnetic field (e.g., Vacca et al. 2012). Glob-
ally, the effect on the RM of multiple orbiting galaxies
stirring the ICM magnetic field is to cause significant
fluctuations on kpc scales. The extents of these fluc-
tuations increase as galaxy wakes occupy larger frac-
tions of the ICM, and decrease as galaxies are stripped.
These effects can in principle be observed by mapping
the RM and ICM magnetic field with high spatial reso-
lution. Specific routines to perform these RM analyses
include the PACERMAN routine (Dolag et al. 2005b;
Vogt & Enßlin 2005) which has been used to character-
ize the magnetic field in the Coma cluster, showing RM
and σRM decrease with increasing cluster centric radius
and σRM fluctuates significantly (Bonafede et al. 2013).
Other RM synthesis techniques (Frick et al. 2010, 2011)
that detect small-scale galaxy magnetic fields can po-
tentially be used to characterize ICM magnetic fields on
galaxy scales.
6. CONCLUSIONS
We present MHD simulations of galaxies evolving in
a magnetized ICM in group-scale and cluster-scale en-
vironments. Using these simulations, we have studied
the qualitative and quantitative effects of ICM magnetic
fields on orbiting gas-rich galaxies. We show that mag-
netic fields in β  1 plasmas do not significantly affect
the gas mass loss rate of galaxies. The thermal and ram
pressure in these environments are significantly higher
than the magnetic pressure, so the amount of galaxies’
gas lost in the presence of ICM magnetic fields is, quan-
titatively, not significantly different from the gas loss
in simulations without ICM magnetic fields. Therefore,
the dynamical effects of magnetic fields alone do not
solve the problem of the ubiquity of long-lived galactic
coronae in cluster environments in the presence of var-
ious gas removal mechanisms (Sun et al. 2007, Jeltema
et al. 2008). Magnetic fields do, however, qualitatively
modify the appearance of stripped galaxies. As galax-
ies move through the ICM, they are initially stripped
by ram pressure and tidal effects and form the char-
acteristic corona-tail structures seen in Paper I. ICM
magnetic fields lines are stretched and draped around
stripped galactic coronae. Additionally, ICM magnetic
fields are dragged along and stretched in galaxy tails
and the wakes of galaxies. The magnetic fields in galax-
ies’ tails suppress Kelvin-Helmholtz shear instabilities
and slow down the mixing of these tails into the ICM.
Magnetically supported tails are smoother and narrower
than galaxy tails in the hydrodynamic simulations in Pa-
per I.
Orbiting massive galaxies modify the strength and
morphology of ICM magnetic fields. Galaxies initially
amplify the ICM field through velocity shears that
stretch magnetic field lines along stripped coronae and
aligned with their tails. The magnetic field increases
dramatically during the first t = 1 Gyr of evolution
when galaxy stripping is most rapid. Overall, the mag-
netic field strength in the ICM increases from β ' 100
to β ' 20 in 2 Gyr. After galaxies have been stripped
of most of their gas by t & 1.5 − 2 Gyr, they do not
have enough momentum to continue amplifying the field.
Since the initial magnetic field configuration is not force-
free, the field decays after t & 2 Gyr.
Orbiting galaxies drive turbulence into the ICM, as
shown in the evolution of magnetic and kinetic energy
power spectra. Most of the power injected in the mag-
netic energy density spectrum is on small spatial scales
comparable to the sizes of galaxies and their wakes, and
during the first ∼ 1.5 − 2 Gyr of evolution. At late
times, after galaxies have been mostly stripped, there
is no longer any significant driver of turbulence and the
magnetic power spectrum decays. Galaxies also inject
turbulent kinetic energy into the ICM. Galaxies drive
turbulence in their stripped tails and wakes as well as
through g-waves. The driving of g-mode turbulence is
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evident in the evolution of the vorticity field in regions
outside of the galaxies’ tails.
Using our simulations we also calculate the observa-
tional consequences of magnetic field generation and tur-
bulent amplification. We are able to quantify the effect
of galaxies alone on the ICM turbulent pressure and ve-
locity dispersion, since the ICM in our simulations is
initially in hydrostatic equilibrium and is not subject to
other processes that can generate turbulence like cluster
mergers and outflows. We calculate the volume fraction
of the ICM where the turbulent pressure and velocity
dispersion exceed typical detection limits of future X-
ray missions like ATHENA. As the turbulent kinetic en-
ergy increases from t = 0 to t ' 1.5−2 Gyr, the volume
fraction of gas where the turbulent pressure and velocity
dispersions lie above these limits increases by a factor of
2 − 3. This increase in the turbulent volume fraction
corresponds at the maximum to 10% of the cluster ICM
with turbulent velocity dispersion above 300 km s−1 and
< 1% above 700 km s−1; these relatively low volume
fractions with high turbulent velocities make sense when
considering that galaxies only contribute to . 5 − 10%
of the mass in clusters. The potential observed quanti-
tative effect of magnetic field amplification by galaxies
is more subtle. High spatial resolution Faraday rotation
measure mapping can reveal galaxy-scale structures in
the ICM magnetic field. Azimuthally averaged radial
profiles of the RM show significant fluctuations due to
these galaxy-scale structures. As these structures be-
come less prominent, the dispersion in azimuthally av-
eraged profiles, σRM, decreases.
Our results show that galaxies can significantly am-
plify existing ICM magnetic fields. Our simulations are
idealized in the sense that all galaxies begin to orbit
within the group and cluster simultaneously. Therefore,
the total ICM magnetic field amplification is the net ef-
fect of all orbiting cluster galaxies. Additionally, since
all galaxies are stripped within ∼ 2 Gyr, the magnetic
field decays after this time. In real clusters, the constant
infall of galaxies and groups of galaxies implies that their
ICM magnetic fields will be constantly stirred, although
the effect of any single galaxy will be much lower than
the total effect of all galaxies on the ICM magnetic field.
This applies to the generation of turbulent kinetic en-
ergy as well: we can place upper limits on the maximum
turbulent velocity dispersion due to galaxies alone, but
in real clusters, the generation of turbulence will be due
to the constant infall of galaxies and subclusters. Addi-
tionally, the extent to which dynamo action can amplify
magnetic fields in real clusters is dependent on spatial
resolution and the initial seed magnetic field.
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